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1. Where and why do stars form

Molecular gas in the Galaxy plane

Dame et al. (2001)

Stars form in gas condensations of the ISM known as Molecular Clouds, the most massive 
(up to 106 M⨀) and coldest objects (10 to 50 K) in our Galaxy  
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1. Where and why do stars form

Mizuno et al. (1995)

Caselli et al. (2002)

N2H+ (1-0)

DENSE CORES
o densities ~ 104-105 cm-3

o temperatures ~ 10 – 20 K



1. Where and why do stars form

The main constituent of these dense 
cores is gas, although it also contains 
microscopic dust grains (100:1). 
The clouds are so dense and cold that 
the hydrogen atoms are bound as 
molecules:  molecular hydrogen is the 
raw material for building new stars.
Although this dust accounts for only a 
fraction of the cloud mass, it is enough 
to ‘obscure’ the star birth. Dense cores 
appear as IR-dark objects.

This dark cloud (B68) looks like empty 
space: in fact, it has more matter than 
the space surrounding it.

T = 10K

Gas and dust absorb almost all the 
visible light  from the background 
stars

The dust produces 
reddening
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1. Where and why do stars form

Stars form by gravitational collapse of a dense core. Gravity plays a fundamental 
role in order to form a star, but alone it does not determine whether a dense core 
will become a star

Let’s consider the idealized case of a uniform, spherical core of mass M, radius R, 
volume density n, mass density ρ, temperature T. The gas has a turbulent velocity 
vturb and some rotation, with rate Ω. B is the intensity of the magnetic field.

The core is supported against its own gravity by the sum of the thermal, turbulent, 
rotational and magnetic energy. Gravitational collapse is possible only if: 
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1. Where and why do stars form

Let’s suppose that magnetic, rotational and turbulent energies are negligible in 
comparison to the thermal one. Then, the core will be in hydrostatic equilibrium if the 
thermal pressure, which pushes the gas outward, balances gravity, which pulls the gas 
inward:

This is the well known Jeans criterium, namely that a homogeneous, spherical cloud mass 
of M, number density n=ρ/µmH and temperature T will collapse under its own gravity if:

If we also include in the stability criterion, the rotational energy, then the critical mass is: 
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1. Where and why do stars form

And if we consider the stability criterion for a core where gravity is balanced by magnetic 
energy:

Taking into account the Jeans mass

we can see that initial conditions to form a star are low temperatures and high densities, 
typical conditions of most dense cores. 

For typical conditions of low-mass dense cores: T=10 K and n=104-105 cm-3

Mcr,th = MJeans = 1-2 M⨀
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where F is the magnetic flux (F = p R2B) 
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2. Star-formation theory of low-mass stars 

According to the standard star-formation theory, stars (at least those with 
masses comparable to the Sun) form by gravitational collapse of a dense 
molecular cloud of gas and dust in rotation.



2. Star-formation theory of low-mass stars 

The formation of a low-mass isolated star is the simplest case to study. 

If thermal, magnetic, turbulent and rotational support are all negligible when 
compared to gravity (free-fall), then a spherical core of mass M, radius R, and 
density ρ, will start to contract under its own gravity. 

The equation of the motion is: 

from where one can derive the free-fall velocity and the free-fall time (i.e., the time it 
takes for the core to collapse into a point): 

There are many solutions to the collapse problem, which differ in the initial conditions 
(density profile, rotation or not of the core) they assume: Larson 1969; Penston 1969; 
Shu 1977; Shu, Adams & Lizano 1987; Foster and Chevalier 1993; Henriksen et al. 1997 
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2. Star-formation theory of low-mass stars 

© Carbonaro & Beltran 
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2. Star-formation theory of low-mass stars 
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2. Star-formation theory of low-mass stars 
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2. Star-formation theory of low-mass stars 

© Carbonaro & Beltran 

young stellar system

t ~ 104 yr

t ~ 105 yr
t ~ 106 - 107 yrs

t > 107 yrs

4. Infrared protostar

CO

t = 0



2. Star-formation theory of low-mass stars 
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2. Star-formation theory of low-mass stars 
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2. Star-formation theory of low-mass stars 
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3. Classification of low-mass young stellar objects 

• Young stellar objects form deeply embedded in dense 
cores. An important fraction of the protostellar radiation 
emitted is absorbed by the circumstellar dust and re-
emitted at longer wavelengths. The shape of the emitted 
spectrum or spectral energy distribution (SED) from 
near- to far-infrared wavelengths depends on the 
amount and distribution of the surrounding dust and on 
its temperature.

• YSOs are classified into four different evolutionary 
classes 0-I-II-III based on the slope of the SED between 
about 2 and 25 μm (Lada & Wilking 1984; Lada 1987; 
André, Ward-Thompson, Barsoni 1993) 

Class 0

Class I

Class III

Class II

Pre-stellar
core

𝛼!" =
𝑑 log 𝜈 𝐹#
𝑑 log 𝜈

=
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3. Classification of low-mass young stellar objects 

o Pre-stellar cores

- Gravitationally bound cores that evolve toward higher 
degrees of central condensation, but with no central 
hydrostatic prostostellar object within the core yet. 

- Emit almost all of their radiation in the far-IR, submm, 
and mm. 

- Timescale 1 x 106 yr

Class 0

Class I

Class III

Class II

Pre-stellar
core

o Class 0

- YSOs in the main collapse and accretion phase. 
- Deeply embedded in the circumstellar material 

(envelope), with SED peaking at submm and mm l’s. 
Not IR emission. 

- SED resembles a single blackbody at very low 
temperature. 

- Timescale < 1 x 104 yr



3. Classification of low-mass young stellar objects 

o Class I

- SEDs broader than single blackbody distributions, and 
peak at far-IR or submm l’s.

- Huge infrared excess (𝛼!" > 0) due to large amounts of 
circumstellar dust in infalling envelopes. Generally not 
visible in the optical. 

- Timescale ~ 1 x 105 yr

o Class II or Classical T Tauri

- SEDs peak at visible or near-IR and broader than single 
blackbody distributions

- Strong IR excesses, and flat or decreasing spectral 
indices (−1.6 < 𝛼!"< 0). 

- IR excesses produced by optically thick, spatially flat (or 
flared) dusty circumstellar disks. 

- Timescale ~ 1 x 106 yr

o Class III  or weak T Tauri

- SEDs peak at visible and IR l’s and decrease longward of 
2.2 mm (𝛼!" < -1.6). 

- SEDs consistent with single temperature blackbodies, 
interpreted as arising from reddened stellar 
photospheres of young stars with little or no circumstellar 
material. 

- Timescale ~ 1 x 107 yr

Class 0

Class I

Class III

Class II

Pre-stellar
core
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4. High-mass star-formation theory

o High-mass stars have masses > 8-10 M¤

o Luminosities > 104 times higher than low-mass. Total luminosity 
dominated by high-mass stars.

o For each 30 M¤ star, there are 100 stars with1 M¤ (Salpeter’s
IMF).

o Short evolutionary timescales ~105 yr (McKee & Tan 2002): 
thousands of times shorter than low-mass stars (Sun: ~107 yr). 
And short lifetimes. 

o Mainly located in the spiral arms of  the galaxies, in which they 
formed because of their short lifetimes .

o Key elements in galaxies, they dominate their appearance and 
evolution. 

o They are responsible for the production of heavy elements and 
influence the interstellar medium though energetic winds and 
supernovae. Produce enough UV to create HII regions.

o High-mass star-forming cores are the most chemically rich 
sources in the Galaxy and best reservoirs of Complex Organic 
Molecules, in particular prebiotic ones (building blocks of life). 

Urquhart+ (2014)

RMS survey

Basic properties
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methanol, methyl cyanide,  methyl formate, 
ethanol, dimethyl ether, glycolaldehyde, 
ethylene glycol …

G31.41+0.31



4. High-mass star-formation theory

o Massive stars are rare objects found at large 
distances ➔ 5 kpc

o Short lifetimes, difficult to trace the earliest phases

o Massive stars embedded in rich clusters: only ~4% 
of O-field stars might have formed outside (de Wit+ 
2005).Emission difficult to disentangle and 
confusion with other cluster members.

o Difficult to trace the primordial configuration of the 
molecular cloud and obtain the initial conditions. 

HIGH-ANGULAR RESOLUTION AT CM-
MM l’s IS A PRE-REQUISITE Beltrán & de Wit (2016)

Observational challenges

100 au @
 5 kp

c 

100 au @
 1 kp

c 



4. High-mass star-formation theory

o Two relevant timescales in star formation:
accretion tacc =  M*/(dM*/dt)
contraction tKH =  GM*/R*L*

o Low-mass (< 8 M⨀): tacc < tKH

Pre-main sequence

o High-mass (> 8 M⨀): tacc > tKH

No pre-main sequence,  accretion on ZAMS

Radiation pressure acting on dust grains 
become large enough to reverse the infall
of matter

Theoretical challenges



4. High-mass star-formation theory

1 core → 1 massive star  

stars form via a monolithic collapse of a massive turbulent 
core: a massive star forms from a massive core and 
gathers its mass from this massive core alone. Given the 
non-zero angular momentum of the collapsing core, this 
model predicts the existence of protostellar accretion 
disks around massive stars. 

Gas inflow 

Courtesy of Luca Carbonaro

Adapted from Bonnell (2004)

o MONOLITHIC COLLAPSE: McKee & Tan (2002, 2003,2004) 

Fragmentation in multiple cores

clouds fragment initially into cores of a Jeans mass of 
~0.5-1 M⨀. These cores subsequently form low-mass 
stars that compete to accrete the distributed gas in 
the molecular clump. This models predicts that 
massive stars should form exclusively in clustered 
environments. A special case of interaction is that 
causing a merging between low-mass stars, which is 
only predicted for unusually high stellar densities.

o COMPETITIVE ACCRETION:  Bonnell et al. (1997, 2001, 2004) 



4. High-mass star-formation theory

MONOLITHIC COLLAPSE COMPETITIVE ACCRETION 

o 1 core → 1 massive star (or small multiple systems). 

o Stellar mass pre-assembled in the collapsing core 
(isolated from rest of the cloud).

o Isolated massive star formation   

o CMF similar to IMF              

o Turbulent medium (high accretion rates: Ṁ >> 10-5

M⨀/yr). 

o Slow, quasi-static process  

o Initial conditions: strongly peaked density distribution 
(n a r-1.5)

o Disks and outflows should exist

o Fragmentation in multiple cores of thermal Jeans 
mass. 

o Accretion of unbound gas from whole cloud 
(global collapse). No connection between mass of 
the core and final stellar mass.

o Massive stars always form in clusters. Most 
massive star at the center

o Lead to full IMF

o Bondi-Hoyle accretion (Ṁ ~ M2). 

o Fast, dynamical process, gravity driven

o Initial conditions: uniform gas density

o Disks exist (1000s au) but are disturbed and semi-
transient structure. Chaotic orientations
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N. Peretto et al.: Global collapse of the SDC335 massive star forming cloud
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Fig. 4. a) Same as in Fig. 1a; b) ALMA-only image of the N2H+(1�0) integrated intensity over the 7 hyperfine structure components. The rms
noise on the resulting map is ⇠6 mJy/beam km s�1. The contours go from 0.1 to 1.5 in steps of 0.7 Jy/beam km s�1 and 1.5 to 9 in steps of 1.5
Jy/beam km s�1. The crosses mark the positions of the two dense cores. The ALMA beam is represented as a yellow elliptical symbol in the bottom-
right corner of the image. We can see the excellent match between the Spitzer dust extinction of the filaments and the N2H+(1�0) emission; c)
ALMA N2H+(1�0) velocity field using the first order moment map. The crosses mark the positions of the cores and the contours are the same as
in the b) panel.

4.2. Mopra HCO+(1�0) self-absorbed lines

HCO+ is a well-known tracer of dense gas in molecular clouds.
In these regions, HCO+(1�0) can be optically thick, in which
case the line shape can provide information of the global motions
of the gas along the line of sight (e.g. Fuller et al. 2005; Smith
et al. 2012). The HCO+(1�0) observations towards SDC335
(Fig. 3) show blue-shifted self-absorbed spectra in the bulk of
the cloud. Such line profiles are expected for an optically thick
tracer of idealized collapsing clouds in which the excitation tem-
perature is rising towards the centre. What is important to note
here is the extent (over at least 12 independent Mopra beams)
over which this spectral signature is observed, and the absence
of any other line asymmetry. For expanding motions we would
expect red-shifted self-absorbed spectra, while in the case of ro-
tation blue-shifted and red-shifted spectra on either side of the
rotation axis should be produced. Therefore these HCO+(1�0)
observations towards SDC335 already rule out the possibility of
a rotating or expanding cloud, and strongly suggest that SDC335
is collapsing.

SDC335 is well enough characterised that we can estimate
the HCO+ abundance using the 1D non-LTE RADEX radia-
tive transfer code (van der Tak et al. 2007). This code predicts
line intensities based on a set of input parameters for which
we have strong constraints: the kinetic temperature (20 ± 5 K,
estimated from Herschel data), the cosmic background tem-
perature (2.73 K), the central H2 density averaged over the
Mopra beam (6 ± 1 ⇥ 104 cm�3, estimated from the column
density map presented in Fig. 1), and the velocity dispersion
(1.3 ± 0.3 km s�1; cf. Sect. 5.4). Then we iterate on the last in-
put parameter, i.e. the molecule column density, to match the
model line intensities with the observed line temperature, i.e.
T

peak
HCO+ = 6.4(±0.2) K on the Tmb scale. Doing so, we obtain

NHCO+ = 6+7
�3 ⇥ 1013 cm�2, corresponding to an abundance

XHCO+ = 7+8
�4 ⇥ 10�10. The corresponding excitation tempera-

ture is Tex = 10.4+1.2
�0.7 K, confirming that HCO+(1�0) is not ther-

malised. Using the same set of parameters, we performed the

same exercise for the central H13CO+(1�0) line (se Fig. B.1),
which has T

peak
H13CO+ = 1.2(±0.2) K on the Tmb scale. For this

line we obtain NH13CO+ = 4+3
�2 ⇥ 1012 cm�2, corresponding

to an abundance XH13CO+ = 5+3
�3 ⇥ 10�11. The corresponding

excitation temperature is Tex = 6.5+2.7
�1.2 K. Therefore, as for

HCO+(1�0), H13CO+(1�0) is not thermalised. Note that the
lower excitation temperature of H13CO+(1�0) is most likely due
to a lower beam-filling factor. Another important point is that
given the abundances we calculated for both molecules, we ob-
tain an abundance ratio 15  [HCO+]/[H13CO+]  20. The
[12C]/[13C] ratio is known to increase as a function of the galac-
tocentric radius, and at the galactocentric distance of SDC335
(i.e. ⇠5 kpc) the predicted [12C]/[13C] is around 30 (Langer &
Penzias 1993; Savage et al. 2002). The value we find is about
half this value, which, considering the uncertainties on these
kinds of measurements, is in reasonable agreement. We use the
latter value of the fractional abundance for the radiative mod-
elling presented in Sect. 5.3.

4.3. ALMA N2H+(1�0) cloud velocity field

Figure 4b shows the ALMA N2H+(1�0) integrated-intensity
map of SDC335. The visual comparison with the Spitzer image
of SDC335 demonstrates how e�cient this molecule is in trac-
ing the network of pc-long filaments seen in dust extinction. This
justifies our choice of using this line to trace the filaments kine-
matics. On the other hand, we can also see that N2H+ is a poor
tracer of the cores, where the central heating may have partly
removed it from the gas phase (Zinchenko et al. 2009; Busquet
et al. 2011).

Figures 4c and 5 show that SDC335 velocity field is ho-
mogeneous in each filament, with distinct velocities from fila-
ment to filament (e.g. hVF1i = �47.4 ± 0.1 km s�1; hVF3i =
�45.8 ± 0.2 km s�1). It becomes more complex towards the
centre of the cloud. In Fig. 5 we see that two separate ve-
locity components are present close to MM2, while the broad

A112, page 5 of 10

Peretto+ (2013)
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HCO+ is a well-known tracer of dense gas in molecular clouds.
In these regions, HCO+(1�0) can be optically thick, in which
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et al. 2012). The HCO+(1�0) observations towards SDC335
(Fig. 3) show blue-shifted self-absorbed spectra in the bulk of
the cloud. Such line profiles are expected for an optically thick
tracer of idealized collapsing clouds in which the excitation tem-
perature is rising towards the centre. What is important to note
here is the extent (over at least 12 independent Mopra beams)
over which this spectral signature is observed, and the absence
of any other line asymmetry. For expanding motions we would
expect red-shifted self-absorbed spectra, while in the case of ro-
tation blue-shifted and red-shifted spectra on either side of the
rotation axis should be produced. Therefore these HCO+(1�0)
observations towards SDC335 already rule out the possibility of
a rotating or expanding cloud, and strongly suggest that SDC335
is collapsing.

SDC335 is well enough characterised that we can estimate
the HCO+ abundance using the 1D non-LTE RADEX radia-
tive transfer code (van der Tak et al. 2007). This code predicts
line intensities based on a set of input parameters for which
we have strong constraints: the kinetic temperature (20 ± 5 K,
estimated from Herschel data), the cosmic background tem-
perature (2.73 K), the central H2 density averaged over the
Mopra beam (6 ± 1 ⇥ 104 cm�3, estimated from the column
density map presented in Fig. 1), and the velocity dispersion
(1.3 ± 0.3 km s�1; cf. Sect. 5.4). Then we iterate on the last in-
put parameter, i.e. the molecule column density, to match the
model line intensities with the observed line temperature, i.e.
T

peak
HCO+ = 6.4(±0.2) K on the Tmb scale. Doing so, we obtain

NHCO+ = 6+7
�3 ⇥ 1013 cm�2, corresponding to an abundance

XHCO+ = 7+8
�4 ⇥ 10�10. The corresponding excitation tempera-

ture is Tex = 10.4+1.2
�0.7 K, confirming that HCO+(1�0) is not ther-

malised. Using the same set of parameters, we performed the

same exercise for the central H13CO+(1�0) line (se Fig. B.1),
which has T

peak
H13CO+ = 1.2(±0.2) K on the Tmb scale. For this

line we obtain NH13CO+ = 4+3
�2 ⇥ 1012 cm�2, corresponding

to an abundance XH13CO+ = 5+3
�3 ⇥ 10�11. The corresponding

excitation temperature is Tex = 6.5+2.7
�1.2 K. Therefore, as for

HCO+(1�0), H13CO+(1�0) is not thermalised. Note that the
lower excitation temperature of H13CO+(1�0) is most likely due
to a lower beam-filling factor. Another important point is that
given the abundances we calculated for both molecules, we ob-
tain an abundance ratio 15  [HCO+]/[H13CO+]  20. The
[12C]/[13C] ratio is known to increase as a function of the galac-
tocentric radius, and at the galactocentric distance of SDC335
(i.e. ⇠5 kpc) the predicted [12C]/[13C] is around 30 (Langer &
Penzias 1993; Savage et al. 2002). The value we find is about
half this value, which, considering the uncertainties on these
kinds of measurements, is in reasonable agreement. We use the
latter value of the fractional abundance for the radiative mod-
elling presented in Sect. 5.3.

4.3. ALMA N2H+(1�0) cloud velocity field

Figure 4b shows the ALMA N2H+(1�0) integrated-intensity
map of SDC335. The visual comparison with the Spitzer image
of SDC335 demonstrates how e�cient this molecule is in trac-
ing the network of pc-long filaments seen in dust extinction. This
justifies our choice of using this line to trace the filaments kine-
matics. On the other hand, we can also see that N2H+ is a poor
tracer of the cores, where the central heating may have partly
removed it from the gas phase (Zinchenko et al. 2009; Busquet
et al. 2011).

Figures 4c and 5 show that SDC335 velocity field is ho-
mogeneous in each filament, with distinct velocities from fila-
ment to filament (e.g. hVF1i = �47.4 ± 0.1 km s�1; hVF3i =
�45.8 ± 0.2 km s�1). It becomes more complex towards the
centre of the cloud. In Fig. 5 we see that two separate ve-
locity components are present close to MM2, while the broad
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4. High-mass star-formation theory

MONOLITHIC COLLAPSE COMPETITIVE ACCRETION 

o 1 core → 1 massive star (or small multiple systems). 

o Stellar mass pre-assembled in the collapsing core 
(isolated from rest of the cloud).

o Isolated massive star formation   

o CMF similar to IMF              

o Turbulent medium (high accretion rates: Ṁ >> 10-5

M⨀/yr). 

o Slow, quasi-static process  

o Initial conditions: strongly peaked density distribution 
(n a r-1.5)

o Disks and outflows should exist

o Fragmentation in multiple cores of thermal Jeans 
mass. 

o Accretion of unbound gas from whole cloud 
(global collapse). No connection between mass of 
the core and final stellar mass.

o Massive stars always form in clusters. Most 
massive star at the center

o Lead to full IMF

o Bondi-Hoyle accretion (Ṁ ~ M2). 

o Fast, dynamical process, gravity driven

o Initial conditions: uniform gas density

o Disks exist (1000s au) but are disturbed and semi-
transient structure. Chaotic orientations



4. High-mass star-formation theory

fragmentation infall+rotation+outflow accretion + 
outflow

expansion
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5. Disk formation

Circumstellar disks are a natural outcome of the star formation process. 
Conservation of angular momentum of the infalling material onto the 
protostar plus gravity result in a rapidly spinning and flattened disk 
(centrifugally supported disk).
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Circumstellar disks are a natural outcome of the star formation process. 
Conservation of angular momentum of the infalling material onto the 
protostar plus gravity result in a rapidly spinning and flattened disk.
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5. Disk formation

In a molecular cloud, m is very high (103-104 M⦿) as well as r (1 – few pc), 
so even if v is small, the angular momentum is large. When the material 
falls onto the surface of the protostar (very small r), v has to increase 
orders of magnitude. 



5. Disk formation

jets and outflows

HH211

Angular momentum removal



5. Disk formation

catastrophic magnetic braking 
(Galli+ 2006) 

jets and outflows

HH211

Angular momentum removal



5. Disk formation

Infalling and rotating disk

Centrifugal radius

o Infalling matter piles up.
o Inside this radius, only pure 

rotation motions Keplerian
motions

o Infalling region
o Inside this radius, 

rotation+radial motions
o Spiral-like trajectories

infall
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Theoretical model for very 
young protostellar disks 
developed by Stahler+ (1994) o Keplerian disk

(Mdisk < M★ )

The disk extends up to the centrifugal radius and the rotationally supported (Keplerian) 
disk extends out to the centrifugal barrier, where the gravitational force is balanced by 
the centrifugal force, which is expected to grow rapidly with time, 



5. Disk formation

rotating disk
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12CO(2-1)

o Doppler effect: V = c(ν0- ν)/ν0 along line of sight à velocity field

o Velocity field: if ROTATION then velocity gradient along the major axis

o 𝑣 𝑟 = " #⋆
$

sin 𝑖 à Direct measurement of M★

Courtesy of R. Cesaroni
Simon+ (2000)

ROTATION:

For pure 
Keplerian disks 



5. Disk formation

ROTATION:

If disk masses are a small fraction of the 
central stellar mass. Their motions are 
therefore expected to be Keplerian

𝑣$%& 𝑟 =
𝐺 𝑀⋆
𝑟 ∝ 𝑟()/+

C34S (5-4) v ∝ r‒0.5



5. Disk formation

LOW-MASS

HIGH-MASS

W33A



Properties

Mass M 0.003-0.3 M⨀

Inner radius Rinn 1 to few R*

Outer Radius Rout ~100 AU

Natta (2000)

Disks in low-mass protostars

Recent ALMA observations 
suggest ≲ 30 au

5. Disk formation



• Lbol < 105 L⨀ ➪ M★ = 7-25 M⨀

• Rdisk a few 100 - 103 au

• Mdisk ∼ a few M⨀ ➪ Mdisk ≲ M★

5. Disk formation

Disks in high-mass protostars
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6. Observation of protostellar disks

Evidence for disk features around young stellar objects comes from:

evolutionary stage → 

Liu+ (2017)

1. SED fitting: a flat and geometrically thin distribution 
account for the SED (produced by the dust emission) 
from the optical to the mm (including the IR excess). 
Especially for TTauri stars, because the extinction 
towards most of them is very low. 
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1. SED fitting: a flat and geometrically thin distribution 
account for the SED (produced by the dust emission) 
from the optical to the mm (including the IR excess). 
Especially for TTauri stars, because the extinction 
towards most of them is very low. 

2. Imaging: adaptive optics (AO) systems on ground-
based telescopes and the Hubble Space Telescope 
(HST) started to image these disks. Dust grains at the 
disk surface scatter the stellar light, revealing the disk 
geometry of circumstellar matter.



6. Observation of protostellar disks

Evidence for disk features around young stellar objects comes from:

1. SED fitting: a flat and geometrically thin distribution 
account for the SED (produced by the dust emission) 
from the optical to the mm (including the IR excess). 
Especially for TTauri stars, because the extinction 
towards most of them is very low. 

2. Imaging: adaptive optics (AO) systems on ground-
based telescopes and the Hubble Space Telescope 
(HST) started to image these disks. Dust grains at the 
disk surface scatter the stellar light, revealing the disk 
geometry of circumstellar matter.

3. Gas and dust imaging: imaging embedded disks 
requires long wavelengths to see through the 
envelopes and arcsecond or higher resolution to match 
the disk sizes. Large millimeter arrays such as ALMA or 
NOEMA interferometers meet these requirements and 
also filter out extended structures so that the emission 
from the compact disk dominates on long baselines. 
Mapping the line emission from the gas gives 
information on the kinematics of the disk.

TW Hydrae

ALMA

observations

model of Keplerian disk



6. Observation of protostellar disks

Dullemond & Monnier (2010)
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The mass of the disk determines its dynamical state, a critical property for the evolution 
of the disk. 

o The state can be typified as either self-gravitating and in non-Keplerian rotation or centrifugally 
supported. The bulk of the disk material is cold and its total mass can be estimated by the 
thermal emission from dust.

o The dust emits as a blackbody characterized by a single temperature Td modified by the effect 
of the absorption coefficient à greybody

𝑆𝜈 = 𝐵𝜈 𝑇𝑑 1 − 𝑒(,! Ω𝑠

where Bn is the Planck function at the dust temperature Td, Ws is the source solid angle and tn is             
the optical depth.

o The optical depth is proportional to the column density and can be expressed as:

𝜏𝜐 = 𝜅𝜐J𝜌 𝑑𝑙

where the absorption coefficient 𝜅𝜐 is proportional to the frequency as nb, where b varies typically 
between 0 and 2.

Estimating disk masses

7. Deriving properties of disks



Estimating disk masses

7. Deriving properties of disks

o Under the assumption that the emission at (sub)millimeter wavelengths is fully optically thin and in 
the Rayleigh-Jeans regime, one can use:

𝑀𝑑𝑢𝑠𝑡 =
𝑆𝑣 𝑑2

𝑘𝑣 𝐵-(𝑇.)

o Where Bn in the R-J regime is 

𝐵𝜐(𝑇.) =
2𝑘𝜈2

𝑐2
𝑇d

o Assuming a gas-to-dust ratio of 100, then: 

𝑀𝑔𝑎𝑠 = 100
𝑆𝑣 𝑑2

𝑘𝑣 𝐵- (𝑇.)



o Gas-to-dust mass ratio in a disk is usually assumed to be 100, the typical value for the interstellar medium (ISM). 
Only 1% of the disk mass is in dust particles. BUT the physical conditions dominating the disk are likely to be much 
unlike those found in the ISM. The gas-to-dust ratio could actually be lower in circumstellar disks due to gas 
removal. Dust related processes such as grain growth and dust settling could result in a predominantly gaseous disk 
atmosphere that would be subject to photo-evaporation leading to gaseous disks winds or to the selective accretion 
of gas onto the central star (e.g., Williams & Best, 2014). These processes would result in an overestimate of the disk 
mass based on dust emission. 

o Recent gas-to-dust mass ratio studies point to a factor 150 (Draine 2011)

o An estimate of the dust temperature Td can be obtained by fitting SED with black-body curves. Alternatively, by 
assuming local thermodynamic equilibrium (LTE), one could adopt the rotation temperature of high-density 
molecular tracers. BUT if dust and gas are not perfectly coupled, then Td can differ by a few degrees from the 
temperature estimated of the high-density tracers (Goldsmith, 2001; Juvela & Ysard, 2011). 

o The principal source of uncertainty is the dust opacity coefficient 𝑘𝑣 . It depends on the composition and properties 
of the dust particles themselves, in particular on the dust opacity power-law index β, (𝑘𝑣 ∝ nβ). Different studies have 
computed different dust opacity laws (e.g., Hildebrand, 1983; Draine & Lee, 1984; Ossenkopf & Henning, 1994) that 
yield disk mass estimates differing by a factor 4–5 (Beuther et al., 2002a). 

o An additional source of uncertainty on the disk mass relates to the achieved spatial resolution. Insufficient angular 
resolution makes it very difficult to disentangle the disk emission from that of the envelope and would lead to 
serious overestimates of the disk mass. Interferometers have the advantage of spatially filtering out the most 
extended envelope emission, and decrease the bias on the disk mass estimates. 

Uncertainties in disk masses

7. Deriving properties of disks



o Disk outer radii are estimated from either resolved dust continuum emission or from 
line emission of high-density tracers. Such observations are performed at long 
wavelengths, given the low temperatures of the outer disk. 

o Direct spatial information on the inner disk and its associated accretion physics 
requires a linear resolution between 10 AU and approximately the stellar radius. For 
most stars, such scales are only indirectly accessible through spectroscopic 
techniques like high-resolution spectroscopy, spectro-astrometry and spectro-
polarimetry, i.e. techniques that have proven their efficacy in the optical and near-IR 
wavelength range. 

Estimating inner and outer radii

7. Deriving properties of disks



Estimating surface density

7. Deriving properties of disks

o The projected surface density Σ is a power-law of the radius (∝ R-p), and assuming a flat cylindrical 
disk, can be estimated as  

Σ 𝑅 = #%&'
/ 0(

o Dust size vs. gas size: dust sizes ≠ gas sizes (In Class II YSOs, size from rotational CO lines is larger 
than from dust continuum: Piétu+ 2005; Isella+ 2007). 
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o Protoplanetary disks can be “flat” or flared with a vertical scale height that increases with 
radius. 

o Characterizing the disk scale height is essential for modeling the thermal, ionization, and 
chemical structure of disks and for interpreting atomic and molecular line observations. It 
is also important for understanding disk evolution as the outer parts, with their low 
densities and large-scale heights, are particularly susceptible to photoevaporative losses. 

o For an azimuthally symmetric disk in hydrostatic equilibrium, the density is a function of 
both radius, R, and vertical height, Z: 

𝜌 𝑅, 𝑍 =
Σ(𝑅)
2 𝜋𝐻

𝑒𝑥𝑝 −
𝑍+

2𝐻+

Estimating scale height profiles

where H(R) is the scale height, which depends on the com-
petition between disk thermal pressure and the vertical 
component of stellar gravity. H(R) ∝Rh with h ≈ 1.3-1.5  
(D’Alessio+ 1998; Dullemond+ 2002)

Group II, "self−shadowed" Group I, "flaring"

[mag]

Group II: Flat−Shadowed Group I: Flaring

Fig. 4.—Relation between 12.5µm sizes (measured as half-light
radius) and infrared slope (measured by IRAS colors) for the first
HAeBe stars observed with MIDI on the VLTI. This size-color
relation is consistent with expectations from the SED classification
ofMeeus et al. (2001) into objects with flared vs. flat outer disks.

tallinization in young circumstellar disks can be a very ef-
ficient process, by suggesting a very high fraction of crys-
talline dust in the central 1–2 AU; and that the outer 2–
20 AU disk posseses a markedly lower crystalline fraction,
but still much higher than in the interstellar medium. Com-
bined with the very young evolutionary status of these sys-
tems (as young as 1 Myr), these observations imply that
proto-planetary disks are highly crystalline well before the
onset of planet formation. The presence of crystalline dust
in relatively cold disk regions (or in Solar System comets)
is surprising, given that temperatures in these regions are
well below the glass temperature of ∼ 1000 K, but can be
explained by chemical models of proto-planetary disks that
include the effects of radial mixing and local processes in
the outer disk (Gail, 2004; Bockelée-Morvan et al., 2002).
The radial gradient found in dust chemistry is also in qual-
itative agreement with the predictions of these models. Fi-
nally, the width of the silicate feature in the MIDI spectra
corresponding to the inner and outer disk have revealed a
radial gradient in (amorphous) grain size, with small grains
(broader feature) being less abundant in the inner disk re-
gions. This is perhaps expected, given that grain aggrega-
tion is a strong function of density (see the chapter by Natta
et al.). Fig. 5 includes an example illustrating radial dust
mineralogy gradients for the HAe object HD 144432.
These radial gradients in dust mineralogy are of course

not restricted to HAeBe stars, but are expected in all YSO
disks. In Fig. 5 we show preliminary VLTI/MIDI results

for two low-mass objects of different evolutionary status,
TW Hya and RY Tau (Leinert and Schegerer, 2006, in
preparation). For TW Hya, the spatially unresolved N-
band spectrum (right panel) shows no strong evidence for
crystalline silicates, while the correlated flux spectrum (left
panel) shows a weak but highly processed silicate band.
Preliminary modelling indicates that the inner disk region
of TW Hya contains a high fraction of crystalline silicates
(30%), and that the amorphous grains have aggregated to
larger units. As with the HAeBe stars, not all T Tauri ob-
jects show the same features; e.g., the effect is qualitatively
similar but quantitatively less pronounced in RY Tau, as can
be seen in Fig. 5.

4. OTHER PHENOMENA

4.1 Outflows and Winds

The power of spectrally resolved interferometric mea-
surements has recently become available in the NIR spec-
tral range as well (VLTI/AMBER, Malbet et al., 2004;
CHARA/MIRC, Monnier et al., 2004a). In addition to pro-
viding the detailed wavelength dependence of inner disk
continuum (dust) emission, these capabilities enable de-
tailed studies of the physical conditions and kinematics of
the gaseous components in which emission and absorption
lines arise (e.g., Brγ , CO and H2 lines; as probes of hot
winds, disk rotation and outflows, respectively).
As a rather spectacular example of this potential, dur-

ing its first commissioning observations the VLTI/AMBER
instrument spatially resolved the luminous HBe object
MWC 297, providing visibility amplitudes as a function
of wavelength at intermediate spectral resolutionR = 1500

across a 2.0− 2.2µm band, and in particular a finely sam-
pled Brγ emission line (Malbet et al., 2006). The interfer-
ometer visibilities in the Brγ line are ∼ 30% lower than
those of the nearby continuum, showing that the Brγ emit-
ting region is significantly larger than the NIR continuum
region.
Known to be an outflow source (Drew et al., 1997),

a preliminary model has been constructed by Malbet et
al. (2006) in which a gas envelope, responsible for the Brγ
emission, surrounds an optically thick circumstellar disk
(the characteristic size of the line emitting region being 40%
larger than that of the NIR disk). This model is succes-
ful at reproducing the new VLTI/AMBERmeasurements as
well as previous continuum interferometric measurements
at shorter and longer baselines (Millan-Gabet et al., 2001;
Eisner et al., 2004), the SED, and the shapes of the Hα, Hβ

and Brγ emission lines.
The precise nature of the MWC 297 wind however re-

mains unclear; the limited amount of data obtained in
these first observations can not, for example, discrimi-
nate between a stellar or disk origin for the wind, or be-
tween competing models of disk winds (e.g., Casse and
Ferreira, 2000; Shu et al., 1994). These key questions

9

7. Deriving properties of disks



o A first moment map or velocity-weighted map represents the average velocity of the gas 
at each pixel 

o Vrot is often estimated as half the range of the velocity gradient measured over the resolved 
disk of a high-density molecular tracer (e.g., Beuther et al. 2008; Beltrán et al. 2011a). 
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Estimating rotating velocity

7. Deriving properties of disks



o If the disk is in Keplerian rotation:

Estimating rotating velocity

7. Deriving properties of disks

𝑣$%& 𝑟 =
𝐺 𝑀⋆
𝑟

∝ 𝑟()/+

v ∝ r‒0.5



Estimating the mass of the (proto)star

7. Deriving properties of disks

1. Dynamically: modeling the rotation in a Keplerian disk:

𝑀⋆ = 𝑀.12 =
𝑣𝑟𝑜𝑡+𝑅
𝐺

where vrot is the rotation velocity of the disk and R the outer radius.

2. LOW-MASS: From the bolometric luminosity, assuming that the YSO is at 
the birthline à pre-main sequence star starts to contract to reach the ZAMS. 
Accretion has ended.  
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Estimating the mass of the (proto)star

7. Deriving properties of disks

2. HIGH-MASS: From the bolometric luminosity, assuming that the YSO has reached the 
ZAMS. 



Estimating the mass of the (proto)star

7. Deriving properties of disks

3. From free-free centimeter emission, assuming it comes from an optically thin HII region. 
One can deduce the Lyman-continuum photons emitted per second (NLy) (e.g., Mezger and 
Henderson 1967) and relate it to the spectral type (Martins et al. 2005; Lanz and Hubeny
2007; Davies et al. 2011)

𝑆𝜈 = 𝐵𝜈 𝑇𝐵 1 − 𝑒(," Ω𝑠

𝑇𝐵 =
3!4(

+ 5(6#7'
The emission measure:

𝐸𝑀 𝑐𝑚(8 𝑝𝑐 = 𝑠9 𝜈:.)𝑇<:.=> 𝜃𝑆(+

where Te is the electron temperature, usually assumed to be 104 K

The electron density:
𝑛𝑒(𝑐𝑚(=) = 𝑆9:.> 𝜈:.:> 𝑇<:.)?> 𝑑(:.> 𝜃3().>

And the number of Lyman-continuum photons per second (s-1):

𝑁𝐿𝑦 = 𝑆9 𝜈:.) 𝑇<(:.@> 𝑑+



Estimating the mass of the (proto)star

7. Deriving properties of disks978 B. Davies et al.

Table 1. Table of ZAMS stellar parameters as a function of mass. The relationship between
stellar mass, temperature, luminosity and radius is taken from Meynet & Maeder (2000).
The photometric properties BCV and MV and the Lyman photon flux QLyc as a function of
Teff are taken from Martins & Plez (2006) and Lanz & Hubeny (2007), and are corrected
for differences in L!.

Mass Teff Log (L!/L!) R! BCV MV LogQLyc tKH
(M!) (K) (R!) (phot s−1) (×103 yr)

6 19 000 3.01 3.0 −1.83 −0.95 43.33 367.1
9 22 895 3.57 3.9 −2.28 −1.89 44.76 175.5
12 26 743 3.96 4.5 −2.64 −2.52 46.02 107.8
15 29 783 4.26 5.1 −2.88 −3.01 47.03 76.2
20 33 824 4.61 6.0 −3.22 −3.56 48.00 51.8
25 36 831 4.86 6.7 −3.47 −3.93 48.46 40.2
30 38 670 5.02 7.3 −3.61 −4.19 48.69 36.7
35 40 596 5.18 8.0 −3.75 −4.45 48.90 31.7
40 42 610 5.34 8.7 −3.89 −4.71 49.09 26.3
50 44 589 5.52 9.8 −4.03 −5.02 49.31 24.1
60 46 647 5.70 11.0 −4.18 −5.33 49.43 20.4
70 47 662 5.81 12.0 −4.25 −5.53 49.51a 19.7
80 48 694 5.92 13.1 −4.32 −5.74 49.58a 18.2
90 49 449 6.02 14.1 −4.37 −5.92 49.65a 17.4
100 49 913 6.09 15.0 −4.41 −6.06 49.70a 17.0
110 50 381 6.16 16.0 −4.44 −6.21 49.76a 16.4
120 50 853 6.23 17.1 −4.47 −6.36 49.81a 15.5

aThese values are likely to be slightly underestimated, see the text for details.

frequencies above the Lyman limit QLyc are emitted for a star of a
given temperature for O and B stars, respectively. The relationship
between stellar parameters and Lyman flux that we obtain is given
in Table 1.

There are several important points that should be noted regarding
the numbers in Table 1. First, the calibrations of Martins et al. (2005)
and Lanz & Hubeny (2007) do not provide us with Lyman fluxes for
stars with masses above ∼60 M!. Since the relationship between
Lyman flux per unit area (qLyc) and stellar mass flattens off at high
masses, we make the assumption that qLyc is constant above 60 M!.
This will mean that we are likely to be slightly underestimating the
Lyman flux of very massive stars. However, this will only impact
the number of H II regions at high luminosities (!105.7L!), which
are very few in number in the RMS survey.

Secondly, the absolute Lyman photon rates per unit time QLyc as
a function of stellar mass that we compute are different to those in
Martins et al. (2005) and Lanz & Hubeny (2007). This is because
these authors use a different calibration between stellar mass and
temperature to this study. Here, we use the relationship between
M!, L! Teff from the hydrostatic stellar models of Meynet & Maeder
(2000).

Finally, we state explicitly that the final calibration of QLyc versus
M! should be considered to be uncertain at the 30-50 per cent level,
judging by the variation of numbers in the literature. However,
the effect of this uncertainty on our results does not affect our
conclusions, as will be shown later.

2.3.4 Size and radio emission of H II regions

Accurately calculating the radio emission from a young star is a
complex problem as there are many effects that one needs to con-
sider: the Lyman flux from the star, the density and morphology of
the ionized gas, the hydrodynamical expansion of the gas and the
expansion of the ionization region due to the increasing Lyman flux
from the accreting star as it grows in mass. However, accurate radio

fluxes and expansion rates are not the goal of this project, more than
that we want to get an estimate of the radio flux and the H II region
size in order to determine how the source would be classified in the
RMS survey. As such, we are able to make a number of simplifying
assumptions when calculating the H II region properties.

First, when the star’s ionizing flux is switched on, either at the
end of the ‘swollen star’ phase or as the mass of the star reaches
MMS, an H II region is formed with an initial size given by that of a
Strömgren sphere,

RS =
(

3QLyc

4πn2
eβB

) 1
3

(16)

where ne is the initial electron density and βB = 2.59 ×
10−13 cm3 s−1 is the radiative recombination coefficient of H+ to
all levels with n ≥ 2. We then assume that one of two processes oc-
curs: either the H II region undergoes pressure-driven expansion or
the H II region grows in size at constant density due to the increase
in Lyman flux from the accreting star, followed by pressure-driven
expansion once the star reaches Mfin. We then determine which of
these results in the largest H II region. The differences between these
two processes, in terms of the size evolution of the H II region, is
illustrated in Fig. 4.

For pressure-driven expansion of an H II region (see e.g. Dyson
& Williams 1997),

RS = RS,0

(
1 + 7

4
t

tcross

) 4
7

(17)

ne = ne,0

(
RS,0

RS

) 3
2

(18)

with RS,0 the Strömgren radius at t = tform; tcross ≡ RS,0/vsound the
sound crossing time of the Strömgren sphere at t = tform; ne,0 the
electron density at t = tform (assumed to be ≈104 cm−3) and vsound

the sound speed in the gas (assumed to be ≈10 km s−1).
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Sp Teff log(L) M MV tK−H tMS
Type (103 K) (L") (M") (mag) (104 yr) (106 yr)

O3 44.8 5.86 70.8 −5.9 1.6 2.9
O4 42.9 5.60 52.3 −5.3 1.9 3.3
O5 40.9 5.36 39.4 −4.9 2.3 3.9
O5.5 39.9 5.27 36.5 −4.7 2.5 4.2
O6 38.9 5.17 33.5 −4.6 2.8 4.5
O6.5 37.9 5.08 30.6 −4.4 3.1 4.9
O7 36.9 4.98 27.5 −4.2 3.3 5.4
O7.5 35.9 4.88 24.7 −4.1 3.6 5.9
O8 34.9 4.78 22.9 −3.9 4.1 6.5
O8.5 33.9 4.69 21.0 −3.7 4.5 7.2
O9 32.9 4.59 19.4 −3.6 5.1 8.1
O9.5 31.9 4.50 18.1 −3.4 5.7 8.9
B0 29.5 4.27 14.9 −3.1 7.3 12.0
B0.5 27.3 4.04 12.7 −2.7 10.0 16.4
B1 25.0 3.80 10.7 −2.3 13.6 23.6
B1.5 23.0 3.58 9.0 −1.9 17.4 33.8
B2 21.5 3.37 7.9 −1.5 24.3 48.7
B2.5 20.2 3.18 6.9 −1.2 31.5 69.2
B3 19.0 3.01 6.0 −0.9 37.9 96.4

Davies+ (2011)
Mottram+ (2011)



Estimating accretion rates

• Inner disk is truncated by stellar magnetic field at 
3-5 R*. Matter flows onto stars following magnetic 
field lines (e.g. Hartmann 1998)

• Accretion luminosities Lacc can be derived from:

Magnetospheric accretion

• excess emission/veiling at optical and UV:
Accretion luminosities can be derived from the 
flux released when the material impacts the 
stellar surface, which appears as excess flux in 
relation to the photospheric one. 

• Broad emission lines: Ha, Hb, Hg, Brg there 
is a correlation between accretion luminosity 
and line luminosity 

• The mass accretion rate 𝑀̇)** is then computed from 
the accretion luminosity

𝑀̇A44 = 𝐿A44
0∗
" #∗

where R* and M* are radius and mass of the pre-
main sequence star.

7. Deriving properties of disks
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• Infall rate can be estimated:

1. From inverse P-Cygni profiles (or red-shifted absorption) towards bright embedded sources

Since the continuum source (dust or HII region) is very bright (∼1000 K) it is easy to observe the colder molecular 
gas (∼100 K) in absorption against it. The absorption is observed at positive velocities relative to the stellar velocity if the 
material surrounding the (proto)star is infalling onto the central star.  

Estimating infall and accretion rates

7. Deriving properties of disks
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W51  NorthG24.78+0.08 A1 

NH3 (2,2)

CN (2-1)

G31.41+0.31
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Estimating infall and accretion rates in high-mass YSOs

7. Deriving properties of disks

o Infall rates can be estimated:

1. From inverse P-Cygni profiles (or red-shifted absorption) towards bright embedded 
sources

𝑀̇B2C
$<.(ADE = /Ω 4 𝜋 2 𝜋 𝑚F+𝑁𝑅:

)/+𝑅)/+𝑉B2C

whereW is the solid angle, N is the gas column density, R0 is the radius of the continuum source, Vinf is the 
infall velocity (Vinf= |Vlsr – Vredshifted|), and R is the radius at which Vinf is measured. 



Estimating infall and accretion rates in high-mass YSOs

7. Deriving properties of disks

o Infall rates can be estimated:

1. From inverse P-Cygni profiles (or red-shifted absorption) towards bright embedded 
sources

𝑀̇B2C
$<.(ADE = /Ω 4 𝜋 2 𝜋 𝑚F+𝑁𝑅:

)/+𝑅)/+𝑉B2C

whereW is the solid angle, N is the gas column density, R0 is the radius of the continuum source, Vinf is the 
infall velocity (Vinf= |Vlsr – Vredshifted|), and R is the radius at which Vinf is measured. 

2. Assuming Vinf = Vrot

𝑀̇,-.
/012 = 2 𝜋 Σ 𝑅 𝑉,-.
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7. Deriving properties of disks

o Infall rates can be estimated:

1. From inverse P-Cygni profiles (or red-shifted absorption) towards bright embedded 
sources

𝑀̇B2C
$<.(ADE = /Ω 4 𝜋 2 𝜋 𝑚F+𝑁𝑅:

)/+𝑅)/+𝑉B2C

whereW is the solid angle, N is the gas column density, R0 is the radius of the continuum source, Vinf is the 
infall velocity (Vinf= |Vlsr – Vredshifted|), and R is the radius at which Vinf is measured. 

2. Assuming Vinf = Vrot

𝑀̇,-.
/012 = 2 𝜋 Σ 𝑅 𝑉,-.

3. From the free-fall time: Assuming that all the material will collapse in a free-fall time

𝑀̇B2C
CC =

𝑀GAE
𝑡CC



Estimating infall and accretion rates in high-mass YSOs

7. Deriving properties of disks

o Accretion rate onto the central star can be estimated from the mass loss rate of the associated 
outflow. Assuming conservation of the momentum rate of the outflow and of the internal jet 
entraining the outflow, then 𝑀̇%H& is related to the mass loss rate of the internal jet 𝑀̇I<& as

𝑀̇%H& = 𝑀̇I<&
𝑉I<&
𝑉%H&

o Assuming furthermore a ratio between the jet velocity Vjet and the molecular outflow velocity 
Vout of ∼20 (e.g., Beuther et al. 2002) and a ratio between 𝑀̇I<& and the mass accretion rate 
onto a low-mass protostar 𝑀̇A44 of approximately 0.3 (following the theory of Tomisaka 1998 
and Shu et al. 1999), one finds that

6 𝑀̇A44 = 20 𝑀̇I<& = 𝑀̇%H&

𝑀̇!"" =
𝑀̇#$%

6


